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Dynamical formation: an example2

2. FORMING HEAVY BBHS IN GCS

We extract from our 48 models all the binaries that
appear similar to GW150914. We start by looking at any
BBH whose source-frame component and chirp masses
fall within the 90% credible regions for GW150914
(m1 = 35.7+5.4

�3.8M�, m2 = 29.1+3.8
�4.4M�, and M

c

=
27.9+2.1

�1.7M�, from The LIGO Scientific Collaboration
& The Virgo Collaboration 2016b). This corresponds
to a total of 262 BBHs from all 48 GC models, 259 of
which merge outside the cluster. We assume all GCs
formed ⇠ 12 Gyr ago (at z ' 3.5, consistent with GCs
in the Milky Way, although other galaxies, such as the
Large and Small Magellanic Clouds, have significantly
younger GC populations). We then define a GW150914
progenitor to be the subset of these 262 binaries that
merge between 7 and 13 Gyr after GC formation, cor-
responding to mergers that occur in the local universe
(z < 0.5). We find 14 such systems across our 48 mod-
els, all of which were ejected from the cluster prior to
merger. Of these 14, we find that 10 originate in mod-
els with similar initial conditions, corresponding to GCs
with lower metallicities (between 0.05Z� and 0.01Z�,
typical for the low-metallicity clusters in most galax-
ies), large masses (N = 1, 2⇥106 initial particles, corre-
sponding to 3�6⇥105M� today), and typical virial radii
(R

v

= 2 pc). That these binaries form in lower metallic-
ity and massive clusters is unsurprising: lower metallici-
ties yield less e↵ective stellar winds (Vink 2011), reduc-
ing the amount of mass that is lost before a massive star
collapses, and producing “heavy” BHs like the observed
components of GW150914. Furthermore, massive clus-
ters produce a larger number of BHs, which enhances
the dynamical production of BBHs.
The preference for clusters with larger virial radius (2

pc versus the more compact 1 pc clusters we consider)
arises from the need for long inspiral times. Binaries
with total masses of ⇠ 60M� are more massive than
the average stellar or BH mass in the cluster, and are
typically ejected within the first few Gyrs of a cluster’s
evolution. However, since GW150914 merged ⇠ 1.3 Gyr
ago (& 10 Gyr after the formation of the old GCs con-
sidered here), it must have been ejected from a cluster
environment with a su�ciently wide separation to en-
sure a delay time of ⇠ 10 Gyr before merger. It is a well-
known result (Portegies Zwart & McMillan 2000; Moody
& Sigurdsson 2009) that, despite the chaotic nature of
dynamical formation, it is the global cluster properties
that primarily determine the semi-major axis of binaries
at ejection. In Rodriguez et al. (2016a), we showed that
this relationship can be expressed as

R
v

M
GC

⇠ a

µbin
(1)

Figure 1. Interaction diagram showing the formation history
for two GW150914 progenitors in a single GC model. From
top to bottom, the history of each individual BH that will
eventually comprise a GW150914-like binary is illustrated,
including all binary interactions. The legend shows the var-
ious types of gravitational encounters included in our GC
models (with the exception of two-body relaxation). In each
interaction, the black sphere represents the GW150914 pro-
genitor BH, while the blue and red spheres represent other
BHs (and stars) in the cluster core.

e.g., Rodriguez et al. 2016



What are star clusters? 
Star clusters in galaxies

Property Open Clusters Globular Clusters

Mass (M⊙) up to ~ 103 typical ~ 105

ρc (M⊙pc-3) up to ~ 102 typical ~ 104

Typical age up to ~ 7 Gyr 9 - 12 Gyr

Binary fraction (fb) ~ 50% few - 20%

Metallicity higher low
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Figure 1. VLA 6.2 GHz radio (left) and Chandra X-ray (right) images of the central 50′′ (1.6 pc) of M62, showing the candidate BH M62-VLA1 (orange circle). A
red cross marks the cluster photometric center (Lützgendorf et al. 2013). The other radio source in the central region of M62 is a known pulsar (red circle; Possenti
et al. 2003). North is up and east is to the left.
(A color version of this figure is available in the online journal.)

these objects is associated with a GC in the massive Virgo
elliptical NGC 4472, and has a peak LX ∼ 4 × 1039 erg s−1

(Maccarone et al. 2007). Optical spectroscopy of the associated
GC shows broad (1500 km s−1) [O iii] emission but no Balmer
lines, and the combined data is best explained by a model in
which a stellar-mass BH is accreting at a super-Eddington rate
from a CO white dwarf (Zepf et al. 2008; Peacock et al. 2012).

The few observed super-Eddington BHs in extragalactic GCs
would then simply be those with the most extreme accretion
rates. They likely represent only the very tip of the iceberg in
terms of BH binaries in GCs. Many BHs with lower accretion
rates are almost certain to exist among X-ray sources in GCs,
but they are greatly outnumbered by neutron-star binaries and
are difficult to distinguish from neutron stars using X-ray data
alone.

In Strader et al. (2012a), we developed a new strategy for
identifying quiescent BH binaries in Milky Way GCs, making
use of both radio and X-ray data (see also Maccarone &
Knigge 2007). Stellar-mass BHs accreting at low rates have
compact jets which emit radio continuum via partially self-
absorbed synchrotron emission (Blandford & Königl 1979).
Thus, they are much more luminous in the radio than neutron
stars with comparable X-ray luminosity: LR/LX is ∼2 orders of
magnitude higher for BHs than neutron stars (Migliari & Fender
2006). Before the recent upgrade to the VLA, the radio emission
from a quiescent BH like A0620-00 or V404 Cyg would not
have been detectable at high significance at typical GC distances
(Gallo et al. 2006). The upgraded VLA can now readily detect
the expected flux densities (tens of µJy) in reasonable exposure
times.

Using this technique, we discovered two candidate stellar-
mass BHs in the cluster core of M22 (Strader et al. 2012a).
The sources have flat radio spectra and 6 GHz flux densities
of 55–60 µJy. As these sources are not detected in shallow
archival Chandra imaging, they cannot yet be placed directly
on the LX–LR relation; nevertheless, their overall properties are
consistent with those expected from accreting BH binaries.

Here we report the discovery of a BH candidate in a second
Galactic GC, M62 (NGC 6266; D = 6.8 kpc; Harris 1996).
We call this source M62-VLA1. Unlike the case for the M22
sources, M62-VLA1 has clear X-ray and optical counterparts,
and so is the most compelling candidate black hole X-ray binary
in a Milky Way GC.

In Section 2, we describe our VLA observations, along with
archival Chandra and HST imaging. In Section 3, we present
evidence that M62-VLA1 is an accreting stellar-mass BH.
Section 4 discusses the host binary system: the binary separation
and binary companion. We assess alternative explanations
for M62-VLA1 in Section 5. We summarize our findings in
Section 6.

2. OBSERVATIONS

2.1. VLA Radio Data

We observed M62 with the Karl G. Jansky Very Large Array
(VLA) over the time period 2012 Sept 10–16 as part of the
program 12B-073 (P.I. Strader). Ten hours were spent observing
the cluster, split among seven blocks of 1–1.75 hr duration,
yielding a total of 7 hr on source. We observed in C band with
2 GHz total bandwidth and four polarization products. Of the
two basebands of 1 GHz width, one was centered at 5.0 GHz
and the other at 7.4 GHz. The array was in BnA configuration,
giving a resolution of 1.′′4 × 1.′′1 at 5.0 GHz. The field of view
(full-width at half power) of the VLA at the average frequency
of 6.2 GHz was ∼7.′3 in diameter, significantly larger than the
half-light diameter of M62 (1.′8; Harris 1996).

We observed J1700-2610 as the secondary phase calibrator
and J1407+2827 as the polarization leakage calibrator. 3C286
was used as an absolute flux density, bandpass, and polarization
angle calibrator. The data were reduced using standard routines
in AIPS. Weights from switched power measurements were
applied using TYAPL. Each observing block was edited for bad
data and interference and then calibrated. For each individual
calibrated baseband, the data were concatenated in the uv plane
and then imaged with a Briggs robust value of 1. A bright
source at the edge of the field called for phase and amplitude
self calibration. Figure 1 shows a deep co-added image of
both basebands, obtained by smoothing the 7.4 GHz baseband
to the resolution of the 5.0 GHz basebands and averaging
these together. The rms sensitivity of this co-added image is
2.0 µJy beam−1.

M62-VLA1 is the only significant radio source in the core
of M62. We use the HST-based core radius from Noyola &
Gebhardt (2006) of rc = 6.′′6, and the updated center in J2000 co-
ordinates of 17h01m13.s0, −30◦06′48.′′2 from Lützgendorf et al.
(2013). M62-VLA1 is located at 17h01m13.s217, −30◦06′50.′′60,

2
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Figure 5. HST optical variability of the likely counterpart to M62-VLA1. The
ACS data, taken over 0.15 days (3.6 hr), shows a clear linear trend in three
different filters. The star is more variable than 98% of stars of comparable
brightness, lending credence to the interpretation that the source is an accreting
binary. Photometry of a randomly chosen comparison star of similar F658N
magnitude is shown at bottom with an arbitrary offset.
(A color version of this figure is available in the online journal.)

F658N magnitudes as a function of time for all the comparison
stars, the inferred amplitude of the trend for the M62-VLA1
candidate counterpart is larger than 98% of the stars. The three
F435W frames cover a comparable time baseline and show a

similar trend, although with a somewhat smaller amplitude. Due
to saturation, only two of five frames in F625W have reliable
photometry, but these are consistent with the behavior observed
in the other filters.

Because of the crowding in the core of M62 and the relatively
modest amplitude of the variability, we consider this finding
worthy of further investigation but far from conclusive.

3. A NEW BLACK HOLE CANDIDATE

The most convincing evidence supporting a BH identification
for M62-VLA1 is its ratio of X-ray luminosity (LX) to radio
luminosity (LR). Figure 6 plots M62-VLA1 on the standard
X-ray–radio correlation (Gallo et al. 2006). Its mean flux density
of 19 µJy corresponds to an equivalent 8.4 GHz radio luminosity
of LR = 9×1027 erg s−1 at the distance of M62, assuming a flat
spectrum (α = 0; if the measured α = −0.24 is used instead,
then LR = 8 × 1027 erg s−1). A spectral fit to the X-ray data
gives a luminosity of LX = 7 × 1031 erg s−1 over 3–9 keV. This
particular radio frequency and X-ray spectral range are chosen
because they are the most commonly used in LX–LR relations
in the literature.

With the important caveat that variability could be present
between the X-ray and radio epochs, M62-VLA1 sits squarely
on the BH LX–LR relation. The source appears to be a
doppelganger for the quiescent BH V404 Cyg in its X-ray
and radio luminosities (Miller-Jones et al. 2009). The radio
luminosity for M62-VLA1 is !2 orders of magnitude higher
than expected for accreting neutron stars or white dwarfs.

Both the radio and X-ray spectra of M62-VLA1 are consistent
with an accreting stellar-mass BH. The radio spectral index is
consistent with being flat (α = −0.2 ± 0.4), similar to the
radio indices of known low-luminosity accreting stellar-mass
BHs (α = 0.0–0.2; Fender 2001; Gallo et al. 2005). However,

Figure 6. Radio–X-ray correlation for stellar-mass BHs, showing M62-VLA1 as an open red circle. The open orange circle represents our two BH candidates in M22,
which have very similar radio luminosities to one another and have not yet been detected in X-rays (Strader et al. 2012a). Filled squares have simultaneous X-ray and
radio observations; unfilled points are non-simultaneous. Black points are stellar-mass BHs from the literature (Miller-Jones et al. 2011; Gallo et al. 2012; Ratti et al.
2012; Corbel et al. 2013); some BHs have multiple measurements plotted, representing different accretion phases. The dotted black line is the BH correlation of Gallo
et al. (2006) (LR ∝ L0.58

X , normalized by a least-squares fit to the simultaneous detections with LX < 2 × 1034 erg s−1). The blue lines are two possible correlations
for accreting neutron stars (Migliari & Fender 2006). The solid green line is the maximum radio continuum luminosity detected for accreting white dwarfs (Körding
et al. 2008, 2011).
(A color version of this figure is available in the online journal.)
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• Cumulative effect of a sequence of weak pair-wise gravitational 
interactions is a slow diffusion of energy 

• Natural consequence is mass segregation
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Results are Directly Comparable to 
Observations– 35 –

Fig. 17.— An example of a synthetic HRD for run c1f3n4 from the set fixed-rv at tcl =

12 Gyr. Each dot is a bound object in the cluster (a single star or a binary). All binaries are
assumed to be unresolved. The Teff for a binary is the luminosity weighted temperature.

The single and binary MSs of the cluster are clearly seen. The giant branch, WD cooling
sequence, and BSSs are also observed. The stars in between the single MS and the WD
binary sequence are binaries with MS and WD compact object components.

Chatterjee et al. 2013
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• Hénon-type Monte Carlo simulations using CMC 
• Coverage of a large parameter space 

• N ~ 2x105 to 2x106 
• Z ~ 0.0005, 0.001 
• King profile with w0 = 5 
• Initial fb = 5 to 10% 
• Kroupa (2001) IMF between 0.08 to 150 M�  

• BH formation kick distribution 
• Momentum conserving, dependent on progenitor mass and Z 

(Belczynsky 2012) 
• Wind mass loss prescription: weak winds (e.g., Vink 2001)

Numerical Simulation Setup



Typical Evolution
r c

, r
h 
 (p

c)

Repeated BH-driven 
collapse

Overall cluster expansion

CRoRa-16, ApJ (in press)
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Table 1 (continued)

String Meaning for initial property variations

Is Steep power-law exponent is used (↵1 = 3) for the
IMF for stars more massive than 1M�.

If Flat power-law exponent is used (↵1 = 1.6) for the
IMF for stars more massive than M�.

W Weak winds (Vink et al. 2001) are assumed.

Note—We give informative names to our models. The names are
combinations of several strings where each string refers to partic-
ular initial assumptions. To aid the readers understand the initial
assumptions for particular models directly from the model’s name
we list specific strings in the names of our models and their cor-
responding meaning for the initial assumptions.

3. DERIVATION OF OBSERVED CLUSTER
PROPERTIES

The definitions for key structural properties in numer-
ical models are often di↵erent from those defined by ob-
servers for real clusters (e.g., Chatterjee et al. 2013b).
To be consistent, we “observe” our simulated models to
extract structural properties with definitions similar to
those used for real observations. We use the last snap-
shot from all our model clusters to extract the observ-
able structural properties. All relevant final structural
properties, measured both using theoretical definitions,
and observers’ definitions are listed in Table 3.

3.1. Estimation of “Observed” Structural Properties

We create two-dimensional projections for each model
assuming spherical symmetry. The half-light radius,
rhl,obs, is then estimated by finding the projected ra-
dius containing half of the total light. We obtain the
observed core radius, rc,obs, and the observed central
density, ⌃c,obs, by fitting an analytic King model to the
cumulative stellar luminosity at a given projected ra-
dius including stars within a projected distance of rhl,obs

from the center (King 1962, their Eq. 18). This method
was suggested earlier by Morscher et al. (2015). Since,
this approach avoids binning of data, this is more ro-
bust against statistical fluctuations, especially at low
projected distances compared to the often-used method
of fitting the King profile directly to the surface bright-
ness profile (SBP).

We estimate the observed central velocity dispersion
v�,c,obs by taking the standard deviation of the magni-
tudes of the three-dimensional velocities of all luminous
stars (excluding compact objects) within a projected dis-
tance of rc,obs. In case of binaries, we take into account
the center of mass velocities.

3.2. Estimation of Dissolution Times

Depending on initial assumptions, some of our clus-
ter models get tidally disrupted before the integra-
tion stopping time of 12Gyr. The basic assumptions
of our Monte Carlo approach are spherical symmetry,

Figure 1. Evolution of the core radius (rc) and the half-
mass radius (rh) for model S. The solid (black) and dashed
(blue) lines denote rc and rh, respectively. The spikes in rc
due to BH-driven core collapse continue until the end of the
simulation at 12Gyr. Both rc and rh expand all the way to
the end.

Figure 2. Comparison between the SBPs at two di↵er-
ent times, one corresponding to a core-collapsed state, seen
as the downward spikes in Fig. 1 (at t = 9.27Gyr; black),
and the other corresponding to a non-collapsed state (at
t = 9.29Gyr; red) for model S. The theoretically defined
core radius changes from rc ⇡ 0.4 during the collapsed state
to about 3 pc out of that collapse. However, the observable
SBP barely changes.

and a su�ciently large N to ensure that the relax-
ation timescale is significantly longer than the dynam-
ical timescale. Both assumptions break down for clus-
ters that have begun to tidally disrupt, since the tidal
boundary is not spherically symmetric, and a disrupt-
ing cluster can lose mass on a timescale << than the
relaxation time. To that end, once tr(t) > M(t)/Ṁ for
a cluster, where tr, and M denote relaxation time and
total cluster mass respectively, we consider the cluster
to have dissolved. For clusters that dissolve before 12
Gyr, we list the approximate dissolution times and mark
them as “Dissolved” in Table 3.

4. OVERALL CLUSTER EVOLUTION

Fig. 1 shows the evolution of the core radius (rc) and
the half-mass radius (rh) for our standard model S. As
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Table 1 (continued)

String Meaning for initial property variations

Is Steep power-law exponent is used (↵1 = 3) for the
IMF for stars more massive than 1M�.

If Flat power-law exponent is used (↵1 = 1.6) for the
IMF for stars more massive than M�.

W Weak winds (Vink et al. 2001) are assumed.

Note—We give informative names to our models. The names are
combinations of several strings where each string refers to partic-
ular initial assumptions. To aid the readers understand the initial
assumptions for particular models directly from the model’s name
we list specific strings in the names of our models and their cor-
responding meaning for the initial assumptions.

3. DERIVATION OF OBSERVED CLUSTER
PROPERTIES

The definitions for key structural properties in numer-
ical models are often di↵erent from those defined by ob-
servers for real clusters (e.g., Chatterjee et al. 2013b).
To be consistent, we “observe” our simulated models to
extract structural properties with definitions similar to
those used for real observations. We use the last snap-
shot from all our model clusters to extract the observ-
able structural properties. All relevant final structural
properties, measured both using theoretical definitions,
and observers’ definitions are listed in Table 3.

3.1. Estimation of “Observed” Structural Properties

We create two-dimensional projections for each model
assuming spherical symmetry. The half-light radius,
rhl,obs, is then estimated by finding the projected ra-
dius containing half of the total light. We obtain the
observed core radius, rc,obs, and the observed central
density, ⌃c,obs, by fitting an analytic King model to the
cumulative stellar luminosity at a given projected ra-
dius including stars within a projected distance of rhl,obs

from the center (King 1962, their Eq. 18). This method
was suggested earlier by Morscher et al. (2015). Since,
this approach avoids binning of data, this is more ro-
bust against statistical fluctuations, especially at low
projected distances compared to the often-used method
of fitting the King profile directly to the surface bright-
ness profile (SBP).

We estimate the observed central velocity dispersion
v�,c,obs by taking the standard deviation of the magni-
tudes of the three-dimensional velocities of all luminous
stars (excluding compact objects) within a projected dis-
tance of rc,obs. In case of binaries, we take into account
the center of mass velocities.

3.2. Estimation of Dissolution Times

Depending on initial assumptions, some of our clus-
ter models get tidally disrupted before the integra-
tion stopping time of 12Gyr. The basic assumptions
of our Monte Carlo approach are spherical symmetry,

Figure 1. Evolution of the core radius (rc) and the half-
mass radius (rh) for model S. The solid (black) and dashed
(blue) lines denote rc and rh, respectively. The spikes in rc
due to BH-driven core collapse continue until the end of the
simulation at 12Gyr. Both rc and rh expand all the way to
the end.
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and the other corresponding to a non-collapsed state (at
t = 9.29Gyr; red) for model S. The theoretically defined
core radius changes from rc ⇡ 0.4 during the collapsed state
to about 3 pc out of that collapse. However, the observable
SBP barely changes.
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total cluster mass respectively, we consider the cluster
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Table 1 (continued)

String Meaning for initial property variations
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SBP barely changes.

and a su�ciently large N to ensure that the relax-
ation timescale is significantly longer than the dynam-
ical timescale. Both assumptions break down for clus-
ters that have begun to tidally disrupt, since the tidal
boundary is not spherically symmetric, and a disrupt-
ing cluster can lose mass on a timescale << than the
relaxation time. To that end, once tr(t) > M(t)/Ṁ for
a cluster, where tr, and M denote relaxation time and
total cluster mass respectively, we consider the cluster
to have dissolved. For clusters that dissolve before 12
Gyr, we list the approximate dissolution times and mark
them as “Dissolved” in Table 3.
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Table 1 (continued)
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and a su�ciently large N to ensure that the relax-
ation timescale is significantly longer than the dynam-
ical timescale. Both assumptions break down for clus-
ters that have begun to tidally disrupt, since the tidal
boundary is not spherically symmetric, and a disrupt-
ing cluster can lose mass on a timescale << than the
relaxation time. To that end, once tr(t) > M(t)/Ṁ for
a cluster, where tr, and M denote relaxation time and
total cluster mass respectively, we consider the cluster
to have dissolved. For clusters that dissolve before 12
Gyr, we list the approximate dissolution times and mark
them as “Dissolved” in Table 3.
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.
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can retain initially formed BHs more easily.
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.
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nearly completely evaporate within about 6 Gyr (dotted lines in
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actually be observed). Observable properties of our clusters are
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
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nearly completely evaporate within about 6 Gyr (dotted lines in
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(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.
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initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.
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the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
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metal-rich stars lose more mass via stellar winds, they form
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right panel). Our models retain between 65%–90% of the BHs
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